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Earth is covered by
water on 70% of the
surface.




Earth is covered by
water on 70% of the
surface.

Liquid water is only
0.02% of the
total mass.




Each of the bodies in the Solar System have different fraction of liquid water.
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Oceans in the Solar Syste

Enceladus (6:4% tiquid Water)
(14% Liquid Water)

Ganymede
(5.4% Liquid Water)

(0.02% Liquid Water) .
(mass percent of iquid water between parenthesis, excluding water ice) Credit: PHL @ UPR Arecibo, NASA



Earth is covered by
water on 70% of the
surface.

Liquid water is only
0.02% of the
total mass.

How did the planets get their water?
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We study star-iormlng regions: = T o L
- How did the Sun form'? ' '
How. do planets form’?
e How dnd life beg|n7
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Stars form in the ‘holes’ of the sky.

These holes were discovered by
Herschel and Barnard in the

1800s to 1900s.

In the 1900s, people noticed that
these holes are full of gas and
dust (also ices).

Tatirus cloud by Lloyd v

Smith, Deep: Sky. West, O~




Optical Infrared




This is a famous example of a core.

However, this core will not form a star
because it does not have enough mass.

Not all dark regions in the universe will

form a star.




These cores are hydrostatic:
similar to stars but at much larger
scales (0.1 parsecs ~ 20000 au)

Clouds do not collapse because it is

supported by pressure: thermal
motions of the gas.
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The dense core collapse if the mass
exceeds the Jeans mass within a
Jeans scale.
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Magnetic field is typically around a few
microGauss in star-forming regions.

Magnetic field supports against
the collapse.

Gravity can take over the magnetic field
forces as long as the mass is over the
critical value:
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With magnetic fields, the critical mass
is now 1000 solar masses!
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Dense cores are embedded in some cloud
that still feeds that core.

The clouds also exert pressure on the
dense core.

Mcr — Mgrav =+ MBE
Cs
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-pressure

* PreSsure
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Isothermal collapse

Now, because of the surrounding cylinder of
gas, the protostellar envelope is
always evolving.

EGra\Zity + external
-pressure

* PreSsure
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We can use this equation to define a EGraxéity + external
free-fall time: the time for a sphere to - - I -pressure
collapse to O. : : L
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Aquila curvelet Ny; map (cm)
Filaments or cylinder mass can 0 - 102

collapse if the mass in the line
is larger than the critical value.
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The typical temperature of these
regions is 10 K so the mass is
roughly about 16 solar mass

per pc.
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Magnetic fields

Magnetic forces can only act on the
ions while neutrals can easily float
into the high density regions.

Neutral gas continues to contract due
to gravity so there is a different
velocity between ions and neutrals.

Ambipolar diffusion
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lons and electrons are stuck on the magnetic fields but the neutrals flow inward.

James Wurster

Ideal MHD

Ohmic Resistivity

-
o

Hall Effect

>
>

Ambipolar Diffusion

Partially ionised plasma and dust (neutral particles + positive ions + electrons + dust): @ + ‘ + ® + '
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Timescales for star formation

The typical timescales that are important EGra\Zity + external
for star formation are: - - I -pressure

e Free-fall
e Dynamical

e Ambipolar diffusion | Py

tg ~ 3.4 x 10° (104/71)1/2 yr

R R 30uG n
n= — =~ 10°
tayn = = = 3> 05 B\ Totem—2Y"

tAp  NaragC _ g
tdyn 24/ 21G
tADp >~ 2 X 106years

This delay in star formation is necessary to
explain the observed low star formation rate.
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Analytical solutions: self-similar

Self-similar collapse is an inside
collapse as introduced by
Shu 1977.

It is a special solution.

The outward going wave is letting
know the gas outside that a star
has formed.

pPXr
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Why a disk structure?

Typical dense cores have rotation rates
of 10713 Hz.

The specific angular momentum of the
gas needs to be conserved:

: 2 1021 .2
7 = QeoreRjeans = 10° cm? /sec

jKeplerian = VGMR

R~ 10° — 10*AU

vAg
Much larger than a star -> disk i@f O
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Disks as sites of planet formation

MWC 480
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V710 Tau
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HK Tau DH Tau
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V409 Tau
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Disks are not geometrically thin

because of stellar radiation. A
4

R\ 0T 4":

T(R) =To (m) '

The observed disks are warmer than
expected from simple balance of
radiation and gravity.

R

Disks must be flared and not flat.

—0.4—-0.7
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The warm part of the disk expands into
the vacuum.




Disk structure

It is very complex that is affected by internal and external processes.

infall
external UV

radiation

disk wind

freeze out +
ice covered grains

cosmic ray edit:
penetration

\
1

mon Bruderer



These planets must be formed in the gaseous disk so less than the disk age.

Disks lose their gas as they evolve within ~2 Myr.

@ EARTH
JUPITER SATURN URANUS NEPTUNE
B Molecular hydrogen B Hydrogen, helium, methane gas
" Metallic hydrogen B Mantle (water, ammonia, methane ices)

Core (rock, ice) NASA. 2013
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Including magnetic fields, you can either form a disk that can form planets or
it delays the protoplanetary disk formation.

_Angular Velocity
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No protoplanetary disk

Protoplanetary disk Li+ 2013
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Any small rotation at large distances are conserved.

Through angular momentum conservation, a disk will eventually forms.

: 2 21, 2
7 = Qeore Rigans = 107 ecm* /sec

jKeplerian =VGMR
R~ 10° — 10*AU
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The motion of a gas and dust parcel can be
described by a set of equations described in
Ulrich 1976.

The parcel just falls along a streamline »
while conserving angular momentum.

It hits the disk and creates an accretion
shock that can be observed in the IR/optical.

The original paper has some typos so if you want to get
the right equations, you need
to solve it again.
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We can take a step further to simulate the whole collapse and disk formation

using a set of differential equations.

10.4¢f

0.2}

0.2

2.5(5) yr,
1.0 t, |

Cassen & Moosman 1981
Terebey+ 1984
Visser+ 2009
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Large-scale: isothermal-like collapse
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Medium scale: Terebey, Shu, & Cassen
and Cassen & Moosman solutions.

These solutions have monopolar terms
and quadrupolar terms to take rotation
into account.

These solutions can be merged into the
Ulrich 1976 solutions where the original
solutions breakdown.
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Medium scale: Terebey, Shu, & Cassen and
Cassen & Moosman solutions.

a = aMm+ ol
Vi = Vu+ Vo W
d
W = Wo—PF
Qae”?
vV = Wy+ \IJQPQ

These are the solutions that describe how
matter enters the disk.
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A very thin disk behaves such as :

1
atZ -+ EaRRE’UR =0

- v
07 = — P+ N30+ (n + )V (v : 17) — V®yray

The disk must be in equilibrium
where the gas is usually barotropic

A
P YV~

S d,O . |
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We can take a step further to simulate the whole collapse and disk formation

using a set of differential equations.

10.4¢f

0.2}

0.2

2.5(5) yr,
1.0 t, |

Cassen & Moosman 1981
Terebey+ 1984
Visser+ 2009
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We need to know how much
mass can we start with.

With sub-mm telescopes, we
can compare the masses of
disks to planets.
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We only have enough

form planets in the early stages of

star formation.

solid mass to
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Dust grains coagulate and
create larger dust grains

They can acquire mantles of ices as
long as it is big enough with H,O, CO,
CO,, CH,OH, ...

You can observe the ices in the infrared
against dark clouds with strong IR
sources.

Fig. 1.

ORGANIC

REFRACTORY

0.01 ym
PRECOMETARY GRAIN particles

Interstellar grains as core-mantle structures.
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The start of planet formation

Dust grains start off at around 0.1 microns.
Smaller dust grains exist in the diffuse ISM but they tend to be iceless.

Planetesimals: small solid bodies that orbit around a star (moons, asteroids,
Pluto...), they are the planetary embryos.
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The start of planet formation

Protoplanets: large planetesimals that have heavy elements in their core and
probably can hold its own atmosphere that is gaseous.

30-m
Observation with IR ? telescopes,
and sub-mm
telescopes
1um 1 mm 1m 103 km
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The start of planet formation

Protoplanets: large planetesimals that have heavy elements in their core and
probably can hold its own atmosphere that is gaseous.

30-m
Observation with IR ? telescopes,
and sub-mm
telescopes
1um 1 mm 1 103 km
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The start of planet formation

When the dust particle meets
another dust particle, it can collide
and merge.

—

This success rate of merging
depends on turbulence. dm
[k

/ Collisional Speed:

Collisional cross section turbulence and

Density: particle : .
that depends on the size Ve P locatl.on of merging in
d fLuff concentrates through the disk: merging,
and rumyness physical processes fragmentation,

bouncing
48



The start of planet formation

This growth produced by aggregation of

monomers (the smallest grain) High size/mass ->

The size over mass increases with each not easy to settle

aggregation. Floats in the gas

Compact Porous

@ ¥

Low size/mass ->
settles
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The start of planet formation

For small particles, we know that they can stick.

These are from drop towers experiments and flying experiments.



https://docs.google.com/file/d/10d5u1MCILFAu_AND_KVGz2LR2VbnsAd2/preview
https://docs.google.com/file/d/1IwSX6MfgjHvFlePM8cALJva6f_Gy-rlu/preview

Dust grains interact with the gas in
the disk.

The gas drags the dust grains to
slower velocities so that they fall
into the star.

Farag = 0.5Cpma’pV?
™Tuv

tstop — Fd
rag
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The start of planet formation

The outcome depends on the velocity and the differences between the

two particles that are colliding.

ar
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Sticking (total mass gain)

Mass transfer ( )

Bouncing ( )

Cratering ( )

Fragmentation (catastrophic mass loss)
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The start of planet formation

The outcome depends on the velocity and the differences between the
two particles that are colliding. Everything is stuck at 1 m.

Sticking (S)
Mass Transfer (MT) §
Fragmentation (F) %
Dominik & Tielens 1997 ErOSion (E) g

Blum & Wurm 2000
Beckwith+ PPIV

10
1074102102107 10° 10" 10° 10° 10* 10
grain size [cm] 53
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The start of planet formation

Protoplanets: large planetesimals that have heavy elements in their core and probably can
hold its own atmosphere that is gaseous.

. . 30-m
Observation with IR and 2 t
! elescopes,
sub-mm telescopes
1 mm 103 km
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Dust grains fall due to the
gravity of the disk.

They settle to the midplane of
the disk.

H 1

tsettle ~ ~
2
Uset () tstop

For typical disks,
1 cm dust: 100 years

1 micron: 10° years

Settling to the central plane of the di&]/

—
4

P
)
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Problem of drifting

We know settling is fast so the
problem is back to the radial

component.

Can the dust survive? N, A 4
Small grai led t 1 <©>
mall grains: coupled to gas N

tstop << 5 v
Large grains feel the headwind
so it gets slowed down more... 1
tstop > > =0

2
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Problem of drifting

Drift velocity is maximum at 1m.

So, this is called the meter-size
problem because no grains can
grow beyond 1 meter.

—2AV
Qtstop + (Qtstop ) s

Viarige =

Any 1 meter dust grain will be
lost within 100 -- 1000 years at
1 AU.

MMNSN at =5 AU
102E N Eaar — Ty —— Ty g

M -
2 :

; I )

10°} g

e

i " Epstein drag 7

107 107 107" 10° 10!

Weidenschilling 1980, Johanson PPVI a [m]
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This is the pressure in the gas.

Dust particle as shown in black
tends to follow the gas pressure.

Dust particles tend to be stuck at
high pressure environment and
cannot get out.

In this region, the velocity
difference between two grains are
small so they can grow.
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https://docs.google.com/file/d/17COXmob4h6AOnx8le5x3mZBOdcUN8gYZ/preview

This is the pressure in the gas.

Dust particle as shown in black
tends to follow the gas pressure.

Dust particles tend to be stuck at
high pressure environment and
cannot get out.

In this region, the velocity
difference between two grains are
small so they can grow.
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https://docs.google.com/file/d/17COXmob4h6AOnx8le5x3mZBOdcUN8gYZ/preview

A companion or a planet can create
a gap in the disk.

The gap means that there is a huge
gas pressure difference between
the outside and inside.

Large dust grain will be trapped
inside of this pressure bump.

Causes: snowline, zonal flows, and
hydro instabilities

1.0

Sdpapenel iy Particle Trap
massive planet

dpgas/dr=0

negative
pressure
gradient

positive
pressure
gradient
O
(CJORC)
090
Ce 0 @
© 000
1.0 1.5 2.0 2.5 3.0
R (Rplanet)
Whipple 1972
Pinilla et al. 2012
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We see a lot of gaps in disks with
ALMA.

This is an evidence of ongoing
planet formation that leads to
overcoming the meter-size barrier.

ALMA cannot see meter size
bodies and it will be difficult to see
such big bodies in observations.

A depletion of small grains mean
that a large one must be there ->
indirect.
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Snowlines refer to a region or a line
where the temperature is high
enough for ices to evaporate.

Since the ices evaporate, the gas
pressure increases in total and this
slows down the migration of dust
grains and let them grow.

Water snowline is very important
for this mechanism at < 1 au.

: : efficient coagulation
efficient fragmentation £

o ..‘..‘.?. :...:.: .:'....’ .. .0 "y * o
\}, o"'-o" L el

e ® g0 ® ® o
® - * L3
<«—L——— large grains radial drift
small silicate ' large ic
grains grains
I

snov line
discontinuity

spectral index

SNOW LINE Disk radius

Banzatti+ 2015
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Streaming instahility

In the midplane, the dust mass is so l0g(Zp/(Zp))

large compared to the gas. 0.050

Dust can clump and collapses like the o0

Jeans mass idea.

This leads to instabilities to the flow of

g 0.000
the gas and lead to higher concentration
of dust grains. P
Streaming instability can easily form
Earth o1 Neptune llke planes -0‘05—00.050 -0.025 0.000 0.025 0.050

X(H)

Nesvorny+
Johansen+ 2014
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http://www.youtube.com/watch?v=WA4Y8VCqBqE

The start of planet formation

Now, we can overcome the meter barrier. The meter barrier
can be skipped by instabilities in the disk.

30-m
Observation with IR ? telescopes,
and sub-mm
telescopes

1pum 1 mm 1m




Gravity and N-body interactions take over.

Gas giants

~10 Earth-
mass cores

1 MEarth

Mars-mass
embryos

Planete-
simals
(~100 km)

Planet size (both mass & radius)

Dust (um)

Schematic of gas & rocky planet formation

Late veneer
(planetesimal impacts)

Moon-forming
impact

104 yrs 105 yrs 108 yrs 107y
Meech & Raymond (2019) log (Time)

rs 108 yrs
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Embryo formation

Schematic of gas & rocky planet formation

Km-size bodies are stirred by the ——
gravitational forces of the central
star and other bodies.

Late veneer
(planetesimal impacts)

~10 Earth-
mass cores

Planetesimals now behave more
like N-body.

Mars-mass
embryos Moon-forming
impact
Planete-
simals

(~100 km)

Planet size (both mass & radius)

We look at the statistics of the Oust

planetesimals with eccentricity e T e
. . . . Meech & Raymond (2019) log (Time)

and inclination i.

o e X 1 o2 72
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Giant impacts

Earth like planets go
through impacts to
grow.

Similar to moon
formation.

Not all moons are
formed this way.




Gravity and N-body interactions take over.

Gas giants

~10 Earth-
mass cores

1 MEarth

Mars-mass
embryos

Planete-
simals
(~100 km)

Planet size (both mass & radius)

Dust (um)

Schematic of gas & rocky planet formation

Late veneer
(planetesimal impacts)

Moon-forming
impact

104 yrs 105 yrs 108 yrs 107y
Meech & Raymond (2019) log (Time)

rs 108 yrs
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Migration of planets

Hot jupiters: jupiter-like gas giants

that orbit very close to their stars.

This suggests that planets
migrate during their lifetime.

This is complicated and not all of
the models agree.

Three origin theories for hot Jupiters

@>

Close in
Planet forms near star and migrates inward to its current location.

- W

Pulled in

Planet forms far from star, at a distance where gas giants are commonly found.
Interactions with gas and dust later pull it into a closer orbit.

_.Cg_.*

Close encounter
Planet forms far from star, then is pulled off-kilter by another object, such as
a planet. The resulting eccentric orbit eventually stabilizes close to the star.

SOURCE: R.I. DAWSON AND J.A. JOHNSON / AR ASTRONOMY AND ASTROPHYSICS 2018 KNOWABLE MAGAZINE
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Migration of planets

Type |: Low mass planets that are
torqued by disk + protoplanet
gravity. Inward migration.

Type ll: Higher mass planets
(~Neptune or Saturn). Non-linear
perturbations with gap opening.

Type lll: Anything that does not
fit. It requires a massive disk and
it can moves inward and outward
depending on the disk.

Direction of Rotation

Wake:
Spiralwave

Inner Spiral:
positive Torque

Outer Spiral:
negative Torque

Net Force

(Masset, 2001)

70



Tyne 1 migration

~— J83s I 0] |!OURISIQ
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http://www.youtube.com/watch?v=Zt4y9JmOcB0

Type Il migration
e e = S
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JWST programs
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Coming in November! NASA/JPL/Caltech

Boogert et al. 2015



Dusty disk formation
Infall
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Putting this together with the dust: dusty disk
forms first > decoupled gas and dust disk.




By following the trails of material
from star formation to planets,
we can try to understand whether
or not our model of the Earth
formation should have a lot of
water.

These models can be tested
against future observations of
planets around other stars.
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Planet formation happens
early during the star
formation process.

Star and planet formation
happens together and they
affect each other.

Most of these things can be
understood analytically
without sophisticated
simulations but need hydro to
see all of the details.
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